Energy Production in Stars

From time immemorial people must
have been curious to know what keeps
the sun shining. The first scientific at-
tempt at an explanation was by Helm-
holtz about 100 years ago, and was
based on the force most familiar to
physicists at the time, gravitation. When
a gram of matter falls to the sun’s
surface it gets a potential energy

Epot=—GM/R=—1.91+10"erg/g (1)

where M = 1.99 + 1033 g is the sun’s
mass, R= 6.96+101° c¢m its radius,
and G = 6.67 » 10—8 the gravitational
constant. A similar energy was set free
when the sun was assembled from in-
terstellar gas or dust in the dim past;
actually somewhat more, because most
of the sun’s material is located closer to
its center, and therefore has a nu-
merically larger potential energy. One-
half of the energy set free is trans-
formed into kinetic energy according to
the well-known virial theorem of me-
chanics. This will permit us later to es-
timate the temperature in the sun. The
other half of the potential energy is
radiated away. We know that at present
the sun radiates

e=1.96 erg/g sec (2)

Therefore, if gravitation supplies the
erergy, there is enough energy available
to supply the radiation for about 1015
seconds which is about 30 million
years.

This was long enough for 19th cen-
tury physicists, and certainly a great
deal longer than man’s recorded his-
tory. It was not long enough for the
biologists of the time. Darwin’s theory
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of evolution had just become popular,
and biologists argued with Helmholtz
that evolution would require a longer
time than 30 million years, and that
therefore his energy source for the sun
was insufficient. They were right.

‘At the end of the 19th century, radio-
activity was discovered by Becquerel
and the two Curies who received one
of the first Nobel prizes for this dis-
covery. Radioactivity permitted a deter-
mination of the age of the earth, and
more recently, of meteorites which in-
dicate the time at which matter in the
solar system solidified. On the basis of
such measurements the age of the sun
is estimated to be 5 billions of years,
within about 10 percent. So gravitation
is not sufficient to supply its energy over
the ages.

Eddington, in the 1920’s, investigated
very thoroughly the interior constitu-
tion of the sun and other stars, and was
much concerned about the sources of
stellar energy. His favorite hypothesis
was the complete annihilation of matter,
changing nuclei and electrons into radia-
tion. The energy which was to be set
free by such a process, if it could oc-
cur, is given by the Einstein relation
between mass and energy and is

¢*=9+10" erg/g 3)

This would be enough to supply the
sun’s radiation for 1500 billions of
years. However, nobody has ever ob-
served the complete annihilation of
matter. From experiments on earth we
know that protons and electrons do not
annihilate each other in 1030 years. It
is hard to believe that the situation
would be different at a temperature of
some 10 million degrees such as prevails
in the stars, and Eddington appreciated
this difficulty quite well.

From the early 1930°s it was general-
ly assumed that the stellar energy is pro-
duced by nuclear reactions. Already in
1929, Atkinson and Houtermans (I)
concluded that at the high temperatures
in the interior of a star, the nuclei in

the star could penetrate into other
nuclei and cause nuclear reactions, re-
leasing energy. In 1933, particle accel-
erators began to operate in which such
nuclear reactions were actually ob-
served. They were found to obey very
closely the theory of Gamow, Condon,
and Gurney, on the penetration of
charged particles through potential bar-
riers. In early 1938, Gamow and Teller
(2) revised the theory of Atkinson and
Houtermans on the rate of ‘“thermo-
nuclear” reactions, that is nuclear reac-
tions occurring at high temperature. At
the same time, Weizsicker (3) specu-
lated on the reactions which actually
might take place in the stars.

In April 1938, Gamow assembled a
small conference of physicists and astro-
physicists in Washington, D.C. This
conference was sponsored by the De-
partment of Terrestrial Magnetism of
the Carnegie Institution. At this con-
ference, the astrophysicists told us
physicists what they knew about the in-
ternal constitution of the stars. This
was quite a lot, and all their results had
been derived without knowledge of the
specific source of energy. The only as-
sumption they made was that most of
the energy was produced “near” the
center of the star.

N

Properties of Stars

The most easily observable properties
of a star are its total luminosity and its
surface temperature. In relatively few
cases of nearby stars, the mass of the
star can also be determined.

Figure 1 shows the customary Hertz-
sprung-Russell diagram. The luminosity,
expressed in terms of that of the sun,
is plotted against the surface tempera-
ture, both on a logarithmic scale. Con-
spicuous is the main sequence, going
from upper left to lower right, that is,
from hot and luminous stars to cool
and faint ones. Most stars lie on this
sequence. In the upper right are the
red giants, cool but brilliant stars. In
the lower left are the white dwarfs, hot
but faint. We shall be mainly concerned
with the main sequence. After being as-
sembled by gravitation, stars spend the
most part of their life on the main
sequence, then develop into red giants,
and in the end, probably into white
dwarfs. The figure shows that typical
surface temperatures are of the order
of 10* degrees Kelvin.

Figure 2 gives the relation between
mass and luminosity in the main se-
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Fig. 1. Hertzsprung-Russell diagram. [From
E. E. Salpeter, in Apollo and the Uni-
verse (Science Foundation for Physics,
University of Sydney, Australia, 1967)]

quence. At the upper end, beyond about
15 sun masses, the mass determinations
are uncertain. It is clear, however, that
luminosity increases rapidly with mass.
For a factor of 10 in mass, the lumi-
nosity increases by a factor of about
3000, hence the energy production per
gram is about 300 times larger.

To obtain information on the interior
constitution of the stars, astrophysicists
integrate two fundamental equations.
Pioneers in this work have been Ed-
dington, Chandrasekhar, and Stromgren.
The first equation is that of hydrostatic
equilibrium

dpP __

L= — om) p,(,:) (4)
in which P is the pressure at distance
r from the center, p is the density and
M(r) is the total mass inside r. The
second equation is that of radiation
transport

1 L(n

e Sy (&)
Here « is the opacity of the stellar
material for blackbody radiation of the
local temperature T, a is the Stefan-
Boltzmann constant, and L(r) is the
flux of radiation at r. The value of L
at the surface R of the star is the lumi-
nosity. In the stars we shall discuss, the
gas obeys the equation of state

d 0 o
dr(/sacT)_..

P=RTo/u (6)
where R is the gas constant, while p
is the mean molecular weight of the
stellar material. If X, Y, and Z are
respectively concentrations by mass of
hydrogen, helium, and all heavier ele-
ments, and if all gases are fully ionized,
then

W= 2X £ %Y + BZ 0
542

In all stars except the very oldest ones,
it is believed that Z is between 0.02 and
0.04; in the sun at present, X is about
0.65, hence Y = 0.33 and p = 0.65.
In many stars the chemical composi-
tion, especially X and Y, vary with posi-
tion r. The opacity is a complicated
function of Z and 7, but in many cases
it behaves like

k = CpT™ (8)

where C is a constant.

The integration of Egs. 4 and 5 in
general requires computers. However,
an estimate of the central temperature
may be made from the virial theorem
which we mentioned in the beginning.
According to this, the average thermal
energy per unit mass of the star is one-
half of the average potential energy.
This leads to the estimate of the thermal
energy per particle at the center of the
star,

kT.=anGHM/R 9)

in which H is the mass of the hydrogen
atom, and « is a constant whose magni-
tude depends on the specific model of
the star but is usually about 1 for main
sequence stars. Using this value, and
Eq. 1, we find for the central temper-
ature of the sun

Tcw - 14 (10)

where T denotes the temperature in
millions of degrees, here and in the

log L/Lg and log R/Rg
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Fig. 2. Luminosity and radius of stars vs.
mass. Abscissa is log M/MQ®. [Data from
C. W. Allen, Astrophysical Quantities
(Athlone . Press, London, 1963), p. 203]
The curve for log L/L® holds for all stars;
that for R/R®, only for the stars in the
main sequence. The symbol © refers to the
sun.

following. A more careful integration of
the equations of equilibrium by Demar-
que and Percy (4) gives

Tes = 15.7; po = 158 g/cm?® (11)

Originally Eddington had assumed
that the stars contain mainly heavy ele-
ments, from carbon on up. In this case
» = 2 and the central temperature is
increased by a factor of 3, to about 40
million degrees; this led to contradic-
tions with the equation of radiation
flow (Eq. 5), if the theoretical value of
the opacity was used. Stromgren pointed
out that these contradictions can be
resolved by assuming the star to consist
mainly of hydrogen, which is also in
agreement with stellar spectra. In mod-
ern calculations the three quantities X,
Y, Z, indicating the chemical composi-
tion of the star, are taken to be param-
eters to be fixed so as to fit all equations
of stellar equilibrium.

Thermonuclear Reactions

All nuclei in a normal star are posi-
tively charged. In order for them to
react they must penetrate each other’s
Coulomb potential barrier. The wave
mechanical theory of this shows that
in the absence of resonances, the cross
section has the form

S(If) exp( - J%) (12)

where E is the energy of the relative
motion of the two colliding particles,
S(E) is a coefficient characteristic of the
nuclear reaction involved and

o(E) =

E¢ = 2M(wZoZ1e*/ It)* = (20Z0Z1)* Enonr
(13)

Here M is the reduced mass of the two
particles, Z, and Z, their charges, and
Eyonr is the Bohr energy for mass M
and charge 1; Eq. 13 can be evaluated
to give

Eg = 0.979 W Mev (14)

with
W=AZ>Z? (142)
A = AoA1/(AoAr + A1) (14b)

in which 4,, 4, are the atomic weights
of the two colliding particles. For most
nuclear reactions S(E) is between 10
Mev-barn and 1 kev-barn.

The gas at a given r in the star has
a given temperature so that the particles
have a Boltzmann energy distribution.
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The rate of nuclear reactions is then
proportional to

(8/#M)*(kT)**fo(E) E exp (—E/kT) dE

(15)
It is most convenient (5) to write for
the rate of disappearance of one of the
reactants

dXo/dt = — [011X.X; (16)

where X, and X, are the concentrations
of the reactants by mass, and

[01] = 7.8 * 10" (ZoZ1/ A)¥SeripTs 2™ (17)
7= 42.487 (W/T.)* (17a)

Since the reaction cross section Eq. 12
increases rapidly with energy, the main
contribution to the reaction comes from
particles which have an enersy many
times the average thermal energy. In-
deed the most important energy is

E,= (7/3) kT (18)

For T = 13 which is an average for the
interior of the sun, we have

7/3 = 4.7 for the reaction H + H
= 19 for the reaction C + H
= 25 for the reaction N + H
(19)
It is also easy to see from Eq. 17 that
the temperature dependence of the re-
action rate is
din[01] _ +—2

dinT 3 (20

Nuclear Reactions in

Main Sequence Stars

Evidently, at a given temperature
and under otherwise equal conditions,
the reactions which can occur most
easily are those which have the small-
est possible value of W, Eq. 14a. This
means that at least one of the inter-
acting nuclei should be a proton, 4, =
Zy, = 1. Thus we may examine the re-
actions involving protons.

The simplest of all possible reactions
is

H4+H=D+4 e+ » (21)
(¢* = positron, v = neutrino). This
was first suggested by Weizsicker (3),
and calculated by Critchfield and Bethe
(6). The reaction is of course exceed-
ingly slow because it involves the beta
disintegration. Indeed the characteristic
factor S is

S(E) =3.36+10® Mev-barn (22)

This has been derived on purely the-
oretical grounds, using the known
coupling constant of beta disintegration;
the value is believed to be accurate to
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10 percent or better. There is no chance
of observing such a slow reaction on
earth, but in the stars we have almost
unlimited time, and a large supply of
protons of high energy. As we shall see
presently, the rate of energy production
by this simple reaction fits the observed
energy production in the sun very well.

The deuterons formed in Eq. 21 will
quickly react further, and the end
product is Het. We shall discuss the
reactions in more detail later on.

The proton-proton reaction Eq. 21,
although it predicts the correct energy
production in the sun, has a rather weak
dependence on temperature. According
to Eqgs. 19 and 20, it behaves about as
T%. Since central temperatures change
only little from the sun to more massive
stars, the energy production by this re-
action does likewise. However, as we
have seen in Fig. 2, the observed energy
production increases dramatically with
increasing mass. Therefore there must
exist nuclear reactions which are more
strongly dependent on temperature;
these must involve heavier nuclei.

Stimulated by the Washington Con-
ference of April 1938, and following the
argument just mentioned, I examined
(7) the reactions between protons and
other nuclei, going up in the periodic
system. Reactions between H and He*
lead nowhere, there being no stable nu-
cleus of mass 5. Reactions of H with
Li, Be, and B, as well as with deuterons,
are all very fast at the central tempera-
ture of the sun, but just this speed of
the reaction rules them out: the partner
of H is very quickly used up in the
process. In fact, and just because of
this reason, all the elements mentioned,
from deuterium to boron, are extremely
rare on earth and in the stars, and can
therefore not be important sources of
energy.

The next element, carbon, behaves
quite differently. In the first place, it
is an abundant element, probably
making up about 1 percent by mass of
any newly formed star. Secondly, in a
gas of stellar temperature, it undergoes
a cycle of reactions, as follows

C*+H=N"+417v (23a)
N =C®+ ¢t 4 » (23b)
C® 4+ H=N"+y (23¢)
N*+H=0"+y (23d)
O =N¥+ ¢ +» (23e)
N* + H = C* + He* (23f)

Reactions a, ¢, and d are radiative
captures; the proton is captured by the
nucleus and the energy emitted in the
form of gamma rays; these are then
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Fig. 3. Cross section for the reaction C*?
-4 H, as a function of the proton energy.
[From Fowler, Caughlin, Zimmerman (5)]

quickly converted into thermal energy
of the gas. For reactions of this type,
S(E) is of the order of 1 kev-barn. Reac-
tions b and e are simply spontaneous
beta decays, with lifetimes of 10 and 2
minutes respectively, negligible in com-
parison with stellar times. Reaction Eq.
23f is the most common type of nuclear
reaction, with two nuclei resulting from
the collision; S(E) for such reactions is
commonly of the order of Mev-barn.

Reaction Eq. 23f is in a way the most
interesting because it closes the cycle:
we reproduce the C'2? which we started
from. In other words, carbon is only
used as a catalyst; the result of the re-
action is a combination of four protons
and two electrons (8) to form one He*
nucleus. In this process two neutrinos
are emitted, taking away about 2 Mev
energy together. The rest of the energy,

Te

Fig. 4. The energy production, in erg/g
sec, as a function: of the..temperature in
millions of degrees. For the proton:proton
reaction (P P) and the carbon-nitrogen
cycle (C N). Concentrations assumed X
= Y = 0.5, Z = 0.02. Calculated from
Tables 8 and 9 of Reeves (12).
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about 25 Mev per cycle, is released
usefully to keep the sun warm.

Making reasonable assumptions of
the reaction strength S(E), on the basis
of general nuclear physics, I found in
1938 that the carbon-nitrogen cycle
gives about the correct energy produc-
tion in the sun. Since it involves nuclei
of relatively high charge, it has a strong
temperature dependence, as given in
Eq. 19. The reaction with N4 is the
slowest of the cycle and therefore de-
termines the rate of energy production;
it goes about as 72 near solar tempera-
ture. This is amply sufficient to explain
the high rate of energy production in
massive stars (9).

Experimental Results

To put the theory on a firm basis, it
is important to determine the strength
factor S(E) for each reaction by ex-
periment. This has been done under the
leadership of W. A. Fowler (10) of the
California Institute of Technology in a
monumental series of papers extending
over a quarter of a century. Not only
have all the reactions in Eq. 23 been
observed, but in all cases S(E£) has been
accurately determined.

The main difficulty in this work is
due to the resonances which commonly
occur in nuclear reactions. Figure 3
shows the cross section of the first re-

action (5), Eq. 23a, as a function of
energy. The measured cross sections ex-
tend over a factor of 107 in magnitude;
the smallest ones are 10— barn =
10—35 c¢cm? and therefore clearly very
difficult to observe. The curve shows a
resonance at 460 kev. The solid curve
is determined from- nuclear reaction
theory, on the basis of the existence of
that resonance. The fit of the observed
points to the calculated curve is im-
pressive. Similar results have been ob-
tained on the other three proton-cap-
ture reactions in Eq. 23.

On the basis of Fig. 3 we can con-
fidently extrapolate the measurements
to lower energy. As we mentioned in
Eq. 18, the most important energy con-
tributing to the reaction rate is about
20 kT. For Tq = 13, we have kT = 1.1
kev; so we are most interested in the
cross section around 20 kev. This is
much too low an energy to observe the
cross section in the laboratory; even at
100 kev, the cross section is barely ob-
servable. So quite a long extrapolation
is required. This can be done with con-
fidence provided there are no resonances
close to E = 0. Therefore a great deal
of experimental work has gone into the
search for such resonances.

The resonances exist of course in the
compound nucleus, that is, the nucleus
obtained by adding the two initial re-
actants. To find resonances near the
threshold of the reactions Eq. 23, it is
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Fig. 5. Variation with time of the abundances of various elements involved in the CN O

cycle. It is assumed that initially C** and

O have the same abundance while that of

N* is small. [From G. R. Caughlan, Astrophys. J. (1967)]

544

necessary to produce the same com-
pound nucleus from other initial nuclei;
for example, in the reaction between
Nt and H, the compound nucleus O*%
is formed. To investigate its levels Hens-
ley (/1) at Caltech studied the reaction
0" + He®* = O* 4 He* (24)
He found indeed a resonance 20 kev
below the threshold for N + H
which in principle might enhance the
process Eq. 23d. However, the state in
O'5 was found to have a spin J = 7/2.
Therefore, even though N¢ has J = 1
and the proton has a spin of 1/2, we
need at least an orbital momentum A =
2 to reach this resonant state in O'°.
The cross section for such a high orbital
momentum is reduced by at least a
factor 104, compared to A = 0, so that
the near-resonance does not in fact en-
hance the cross section N4 4 H ap-
preciably. This cross section can then
be calculated by theoretical extrapola-
tion from the measured range of proton
energies, and the same is true for the
other reactions in the cycle Eq. 23.

On this basis, Fowler and others have
calculated the rate of reactions in the
C N cycle. A convenient tabulation has
been given by Reeves (12); his results
are plotted in Fig. 4. This figure gives
the energy production per gram per
second as a function of temperature.
We have assumed X = 0.5, Z = 0.02.
The figure shows that at low tempera-
ture the H + H reaction dominates, at
high temperatures, the C + N cycle;
the crossing point is at Ty = 17; at T
= 14, the central temperature of the
sun, the energy production is 10 erg/g
sec. The average over the entire sun is
obviously smaller, and the result is
compatible with an average production
of 2 erg/g sec.

The energy production in the main
sequence can thus be considered as well
understood. ‘

An additional point should be men-
tioned. Especially at higher tempera-
ture, when the C N cycle prevails, there
is also a substantial probability for the
reaction chain

O"+H=F'+y (25a)
F"=0"+ ¢ +» (25b)
O"+H=N"+He'  (25)

This chain is not cyclic but feeds into
the C N cycle. It is customary to speak
of the whole set of reactions as the
C N O bi-cycle. The effect of reactions
Eq. 25 is that O¢ initially present will
also contribute to the reactants avail-
able, and thus increase the reaction rate

SCIENCE, VOL. 161



of the CN cycle somewhat. This has
been taken into account in Fig. 4.

If equilibrium is established in the
C N O bi-cycle, eventually most of the
nuclei involved will end up as N*¢ (Fig.
5) because this nucleus has by far the
longest lifetime against nuclear reac-
tions. There is no evidence for this; in
fact wherever the abundance can be ob-
served, C and O tend to be at least as
abundant as N. However, this is prob-
ably due to the fact that the interior
of a star stays well separated from its
surface; there is very little mixing.
Astrophysicists have investigated the
circumstances when mixing is to be ex-
pected, and have found that surface
abundances are quite compatible with
these expectations. In the interstellar
material which is used to form stars, we
have reason to believe that C and O are
abundant and N is rare. This will be
discussed later.

Completion of the Proton-Proton Chain

The initial reaction Eq. 21 is followed
almost immediately by

H’4+H=He’+ v (26)
The fate of He® depends on the temper-
ature. Below about T; = 15, the He3
builds up sufficiently so that two such
nuclei react with each other according
to

2He*=He'+2H 27

This reaction has an unusually high
S(E) = 5 Mev-barn (5). At higher tem-
perature the reaction

He* 4 He®* = Be” + v (28)

competes favorably with Eq. 27. The
Be? thus formed may again react in
one of two ways

Be'+e =2 He'+» (29a)
Be'+H=B*+vy (29b)
B*=2He*+ 4+» (29¢c)

At about Ty = 20, reaction Eq. 29b
begins to dominate over Eq. 29a. Equa-
tion 29b is followed by Eq. 29¢ which
emits neutrinos of very high energy.
Davis (13), at Brookhaven, is attempt-
ing to observe these neutrinos.

Evolution of a Star

A main sequence star uses up its hy-
drogen preferentially near its center
where nuclear reactions proceed most
rapidly. After a while, the center has
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lost almost all its hydrogen. For stars
of about twice the luminosity of the
sun, this happens in less than 1010
years which is approximately the age of
the universe, and also the age of stars in
the globular clusters. We shall now dis-
cuss what happens to a star after it has
used up the hydrogen at the center. Of
course, in the outside regions hydrogen
is still abundant.

This evolution of a star was first cal-
culated by Schwarzschild (I4) who has
been followed by many others; we
shall use recent calculations by Iben
(15). When hydrogen gets depleted, not
enough energy is produced near the
center to sustain the pressure of the
outside layers of the star. Hence gravita-
tion will cause the center to collapse.
Thereby, higher temperatures and den-
sities are achieved. The temperature
also increases farther out where there is
still hydrogen left, and this region now
begins to burn. After a relatively short
time, a shell of H, away from the cen-
ter, produces most of the energy; this
shell gradually moves outward and gets
progressively thinner as time goes on.

At the same time, the region of the
star outside the burning shell expands.
This result follows clearly from all the
many numerical computations on this
subject. The physical reason is not clear.
One hypothesis is that it is due to the
discontinuity in mean molecular weight:
inside the shell, there is mostly helium,
of u = 4/3; outside we have mostly hy-
drogen, and u = 0.65. Another sugges-
tion is that the flow of radiation is made
difficult by the small radius of the ener-
gy source, and that this has to be com-
pensated by lower density just outside
the source.

By this expansion the star develops
into a red giant. Indeed, in globular
clusters (which, as I mentioned, are
made up of very old stars), all the more
luminous stars are red giants. In the
outer portion of these stars, radiative
transport is no longer sufficient to carry
the energy flow; therefore convection of
material sets in in these outer regions.
This convection can occupy as much
as the outer 80 percent of the mass of
the star; it leads to intimate mixing of
the material in the convection zone.

Iben (I5) has discussed a nice obser-
vational confirmation of this convec-
tional mixing. The star Capella is a
double star, each component having a
mass of about three solar masses, and
each being a red giant. The somewhat
lighter star, “Capella F” (its spectral
type is F) shows noticeable amounts of

Li in its spectrum, while the somewhat
heavier “Capella G” shows at least 100
times less Li. It should be expected that
G, being heavier, is farther advanced
in its evolution. Iben now gives argu-
ments that the deep-reaching convection
and mixing which we just discussed will
occur just between the evolution phases
F and G. By convection, material from
the interior of the star will be carried to
the surface; this material has been very
hot and has therefore burned up its Li.
Before deep convection sets in (in star
F) the surface Li never sees high tem-
peratures and thus is preserved.

Following the calculations of Iben we
have plotted in Figs. 6 to 9 the develop-
ment of various important quantities in
the history of a star of mass = 3 solar
masses. The time is in units of 108
years. Since the developments go at
very variable speed, the time scale has
been broken twice, at #=2.31 and
t = 2.55. In between is the period
during which the shell source develops.

During this period the central tem-
perature rises spectacularly (Fig. 6),
from about Tg = 25 to Tg = 100. At
the same time the radius increases from
about 2 to 30 solar radii; subsequently,
it decreases again to about 15 (Fig. 7).
The central density, starting at about
40, increases in the same period to
about 5 » 10% The luminosity (Fig. 9)
does not change spectacularly, staying
always between 100 and 300 times that
of the sun.

While the inside and the outside of
the star undergo such spectacular
changes, the shell in which the hy-
drogen is actually burning does not
change very much. Figure 9 shows m,
the fraction of the mass of the star en-
closed by the burning shell. Even at
the end of the calculation, ¢t = 3.25,
this is only m = .2. This means that
only 20 percent of the hydrogen in the
star has burned after all this develop-
ment. Figure 6, curve T,, shows the
temperature in the burning shell which
stays near 25 million degrees all the
time. Figure 7, curve R,, shows the
radius of the shell, in units of the solar
radius; during the critical time when the
shell is formed this radius drops from
about .15 to .07. This is of course the
mechanism by which the shell is kept
at the temperature which originally
prevailed at the center.

In the meantime, the temperature at
the center increases steadily, When it
reaches about Ty = 100, the Het which
is abundant at the center, can undergo
nuclear reactions. The first of these,
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units of 10° years (note the breaks in scale at # = 2.31 and 2.55). I. Temperature (on logarithmic scale); T. is the temperature at
center of star; T is the same at midpoint of source of energy generation, which, after = 2.48, is a thin shell. T, increases enor-
mously; T, stays almost constant. Fig. 7 (right). Evolution of a star; see caption to Fig. 6. II. Radius, in units of that of the sun,
on logarithmic scale. R is total radius; 100 R, is 100 times the radius of midpoint of energy source. R increases tremendously, while

R, shrinks somewhat.

which occurs at the lowest temperature
(about T; = 90) is

N* 4+ He* =F® 4« (30)

While this reaction goes on, the central
temperature remains fairly constant.
However, there is not much N4 so the
reaction soon stops (after about 0.02
108 years), and the center contracts
further.

The next reaction makes use entirely
of the abundant He*, namely

3He*=C" t+y 31

This reaction has the handicap of re-
quiring a simultaneous collision of 3
alpha particles. This would be extremely
unlikely were it not for the fact that it
is favored by a double resonance. Two
alpha particles have nearly the same
energy as the unstable nucleus Be®, and

further Be8 + He* has almost the same
energy as an excited state of C'2. This
reaction can of course not be observed
in the laboratory but the two contribut-
ing resonances can be. The importance
of the first resonance was first suggested
by Salpeter (I6); the second, by Hoyle
(17). Recent data indicate that Eq. 31
requires a temperature of about T, =
110, at the central densities correspond-
ing to t=2.5, that is p,> 10% Once this
reaction sets in, the central temperature
does not rise very fast any more.
Reaction Eq. 31 is most important for
the buildup of elements. Early investi-
gators (3,7) had great trouble with
bridging the gap between He* and C'2,
Two nuclei in this gap, mass 5 and mass
8, are completely unstable; the rest dis-
integrate in a very short time under
stellar conditions. Reaction Eq. 31 how-

Log pg

.20

ever leads to stable C'2, This nucleus
can now capture a further alpha particle

C:+He=0"+y  (32)

The temperatures required for this are
about the same as for Eq. 31. There is
also some capture of alpha particles by
0O1¢ Jeading to Ne?, but the next step,
Ne?* — Mg?*, cannot occur appreciably
at these temperatures; instead, the he-
lium gets used up in forming C*2, Q18
and some Ne?°,

Helium is depleted first in the center,
and now the same process repeats which
previously took place with hydrogen. A
shell of burning He is formed, at a
smaller radius than the H shell, and of
course at a higher temperature. The
center of the star now contracts further
by gravitation and reaches still higher
temperatures.

3
L B e S e e o e oo

N N ol I} '

25

124

be e e e o o o s s e e e

i (] i8

231 24 . 25

255 275 3

325 o i

255 2715 3 325

]
24 25
4

Fig. 8 (left). Evolution of a star, see caption to Fig. 6. III. Density, on logarithmic scale, at the center of the star. This quantity

increases about 1000-fold.

Fig. 9 (right). Evolution of a star; see caption to Fig. 6. IV, Curve L, luminosity relative to that of

the sun, on logarithmic scale. This quantity does not change very much during the life of the star. Curve m, fraction of the mass of
the star enclosed by energy-producing shell, on linear scale. This fraction increases with time.
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Buildup and Dispersal of Elements

The further developments of a mas-
sive star are more speculative. How-
ever, the theory of Hoyle and collab-
orators (I8) is likely to be correct.

The center of the star heats up until
the newly formed carbon nuclei can
react with each other. This happens at
a temperature of roughly 10° degrees.
Nuclei like Mg2* or Si28 can be formed.
There are also more complicated mech-
anisms in which we first have a capture
reaction with emission of a gamma ray,
followed by capture of this gamma ray
in another nucleus which releases He*.
This He* can then enter further nuclei
and build up the entire chain of stable
nuclei up to the most stable Fe. Not
much energy is released in all of these
processes.

The center of the star contracts fur-
ther and gets still hotter. At very high
temperatures, several billions of de-
grees, thermal equilibrium is no longer
strongly in favor of nuclei of the great-
est binding energy. Instead, endother-
mic processes can take place which
destroy some of the stable nuclei al-
ready formed. In the process, alpha
particles, protons, and even neutrons
may be released. This permits the build-
up of elements beyond Fe, up to the
top of the periodic table. Because of
the high temperatures involved all this
probably goes fairly fast, perhaps in
thousands of years.

During this stage, nuclear processes
tend to consume rather than release
energy. Therefore they no longer op-
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pose the gravitational contraction so
that contraction continues unchecked.
It is believed that this will lead to an
unstable situation. Just as the first con-
traction, at the formation of the H
shell source, led to an expansion of
the outer envelope of the star, a similar
outward expansion is expected now.
But time scales are now short, and
this expansion may easily be an explo-
sion. Hoyle et al. have suggested this
as the mechanism for a supernova.

In a supernova explosion much of
the material of the star is ejected into
interstellar space. We see this, for ex-
ample, in the Crab Nebula. The ejected
material probably contains the heavy
elements which have been formed in
the interior of the massive star. Thus
heavy elements get into the interstellar
gas, and can then be collected again by
newly forming stars. It is believed that
this is the way stars get their heavy
elements. This means that most of the
stars we see, including our sun, are at
least second generation stars, which
have collected the debris of earlier stars
which have suffered a supernova explo-
sion.

To clinch this argument it must be
shown that heavy elements cannot be
produced in other ways. This has in-
deed been shown by Fowler (19). He
has investigated the behavior of the
enormous gas cloud involved in the
original “big bang,” and its development
with time. He has shown that tempera-
tures and densities, as functions of time,
are such that heavy elements beginning
with C cannot be produced. The only

element which can be produced in the
big bang is He*.

If all this is true, stars have a life
cycle much like animals. They are born,
they grow, they go through a definite
internal development, and finally die, to
give back the material of which they
are made so that new stars may live.
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